
Chapter 2

SPHERICAL BLACK HOLES

In this chapter we look at the vacuum gravitational field produced by a spherical (non-
rotating) mass. The spacetime metric for this case, obtained by Karl Schwarzschild
in 1916, was the first exact solution of Einstein’s equations to be found, although its
properties were not fully understood until much later.

We investigate the geometry in the vicinity of the mass M by studying the mo-
tion of test particles and light rays. If the space is a vacuum down to the Schwarzschild
radius r = 2GM/c2 we obtain the metric of a spherical black hole. In the next chap-
ter we shall study the metric of a rotating (non-spherical) black hole. The surface
r = 2GM/c2 constitutes the event horizon of the (spherical) black hole and acts as
a one-way membrane for particles and light. We explore the motion of particles and
light rays as a spherical mass collapses to form a black hole and what an observer
falling into a spherical black hole would experience. To explore the geometry in the
vicinity of the event horizon and the maximum extension of the geometry from the
external region we introduce various alternative coordinate systems.

2.1 The Schwarzschild metric

The general spherically symmetric metric can be written in the form

ds2 = g00(t, r)c
2dt2 + g11(t, r)dr

2 − r2(dθ2 + sin2 θdφ2). (2.1)

We adopt the timelike convention for the signs of the metric coefficients
(+,−,−,−), so ds2 > 0 is a timelike interval and ds2 < 0 is a spacelike interval
(section 1.3.4). The metric contains two unknown functions of r and t, g00 and g11,
to be determined from Einstein’s field equations.

In the vacuum of space surrounding a massive spherical body Einstein’s equa-
tions force the functions to be independent of time, and to take the form

g00 =

(

1− 2GM

c2r

)

, (2.2)

g11 = −
(

1− 2GM

c2r

)

−1

, (2.3)
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where M is a parameter and G the gravitational constant. Thus the metric becomes

ds2 =

(

1− 2GM

rc2

)

c2dt2 −
(

1− 2GM

rc2

)

−1

dr2 − r2(dθ2 + sin2 θdφ2). (2.4)

This is the Schwarzschild metric in Schwarzschild coordinates (t, r, θ, φ). It
describes the space-time in the exterior vacuum region only. Inside a material body
the metric is diff erent and depends on the properties of the body such as the equation
of state of the material.

The contravariant components of the metric gµν satisfy

gµνgνρ = δµ
ρ ,

defining (gµν) as the matrix inverse to (gνρ). Since the metric is diagonal the matrix
inverse is readily found, giving

g00 =

(

1− 2GM

c2r

)

−1

,

g11 = −
(

1− 2GM

c2r

)

,

g22 = − 1

r2
,

g33 = − 1

r2 sin2 θ
.

In relativity the interpretation of the coordinates is obtained from the proper-
ties of the metric. We give the interpretation of the coordinates and of the parameter
M in the next section.

2.1.1 Coordinates

The notation has been chosen here to be suggestive. The coordinate r does indeed
play the role of a radial measure; in fact, the sphere r = constant, t = constant has
the (spacelike) metric

dl2 = r2(dθ2 + sin2 θdφ2), (2.5 )

from which it is clear that the element of area on the surface is rdθ × r sin θdφ,
and hence that the area of the surface is 4πr2. Thus the r coordinate is related
to the proper area, that is the area as measured physically by, say, the diminution
in intensity of a wave front of light. The angles θ and φ are the usual spherical
polar angles. N evertheless, in relativity one should always be aware that a suggestive
notation can sometimes be misleading. L ater on we shall see that there are regions
of space-time (those within r = 2GM/c2) where r is not a spacelike coordinate and
t is not timelike. We shall also find that it is sometimes convenient to use other
coordinates to describe the Schwarzschild space-time geometry.
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2.1.2 P roper distance

The radial increment of proper distance is obtained from the metric by setting dt =
dθ = dφ = 0; it is not dr, but dr/(1− 2GM/rc2)1/2. The coordinate r therefore does
not measure proper distance, as would be determined, for example, by a ruler.

2.1.3 P roper tim e

Similarly, the time coordinate t is not the time kept by a standard clock in the exterior
gravitational field of the body. We can see this from the metric (2.4). An increment
of proper time kept by a stationary clock at a radius r, for which dr = dθ = dφ = 0,
is related to the increment of coordinate time by

dτ =

(

1− 2GM

rc2

)1/2

dt. (2.6)

The increments dτ and dt increasingly agree as r → +∞. Thus the time coordinate t
has the interpretation that it is the proper time kept by a clock at an infinite distance
from the body, or a close approximation to that time kept by clocks at large distances.

For the purpose of visualisation we can imagine that the body is surrounded
by static shells at each value of the radial coordinate r. A standard clock fixed to a
shell measures proper time on that shell, and, of course, standard clocks are identical
in that they run at the same rate when they are at the same radius. In addition, we
imagine a second clock on each shell that has been adjusted to run at the same rate
as the distant clock. This second group of clocks measure coordinate time and run
faster than the standard clocks by a factor (1− 2GM/rc2)−1/2. This slowing down of
local clocks relative to a distant clock is the eff ect of gravitational time dilation. The
closer we approach r = 2GM/c2, the faster the coordinate clock runs relative to local
proper time, until at r = 2GM/c2 it is running infinitely faster.

The Schwarzschild coordinates (t, r, θ, φ) provide a global reference frame that
enables us to evaluate quantities in terms of the distance and time measurements of an
observer at infinity. As we shall see, the values obtained by a distant observer for time
intervals, for energies and for velocities of particles diff er from local measurements of
these quantities.

2.1.4 Redsh ift

A consequence of this diff erence in the measurement of time locally and at infinity
is that radiation sent out from a radius r is redshifted when received by a static
observer further out. Since the wavelength of radiation is proportional to the period
of vibration, equation (2.6) gives us

λ =

(

1− 2GM

rc2

)1/2

λ∞,
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for the relation between the wavelength λ of radiation emitted at r and the wavelength
λ∞ received at infinity. For the redshift z, defined by

z =
λ∞ − λ

λ
,

we get

1 + z =

(

1− 2GM

rc2

)

−1/2

.

2.1.5 Interpretation of M and geom etric u nits

The quantity M in the Schwarzschild metric arises as a constant of integration in
the solution of the Einstein equations. It is in fact the mass of the central gravi-
tating body. This is determined by a comparison of the motion of a body in the
Schwarzschild metric with the motion of a body in the N ewtonian gravitational field
of a mass M , which we shall carry out below. For convenience we define a geom etric
m ass m,

m =
GM

c2
. (2.7 )

The geometric mass has the dimension of a length, so in SI units, M would be given
in kilograms and m in metres.

To simplify further, we replace ct by t and cτ by τ . The new time is therefore
also measured in length units, hence, if we use SI units, in metres. Thus, we have
t(in metres) = c× t(in seconds), and similarly for τ , but instead of this cumbersome
notation we allow the context to distinguish which t and τ we mean. In geometrical
units the metric is

dτ 2 =

(

1− 2m

r

)

dt2 −
(

1− 2m

r

)

−1

dr2 − r2(dθ2 + sin2 θdφ2). (2.8)

2.1.6 T h e S ch w arzsch ild radiu s

The radial coordinate value r = 2GM/c2 = 2m = rS is called the Schwarzschild
radius. We see that something strange appears to happen to the Schwarzschild metric
at this value of r, since the metric coefficient g11 becomes infinite. For a normal
gravitating body the Schwarzschild radius lies within the object where the vacuum
Schwarzschild solution ceases to apply. For the Sun, for example, we get rS ∼ 3
km. So, for the dynamics of the Solar System, or even for motion around a neutron
star, the problem can be safely ignored. B ut the question of what happens at the
Schwarzschild radius leads to the subject of black holes. Thus, if a spherical mass has
radius R > rS, then the Schwarzschild metric in the region r > R gives its exterior
gravitational field; if the region r ≥ rS is a vacuum then the Schwarzschild metric for
r > rS gives the exterior gravitational field of a black hole.
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Inside r = rS the Schwarzschild metric is again a solution of Einstein’s vacuum
field equations and gives the interior geometry of a black hole. As we shall show later,
the reason that we cannot follow what happens at the Schwarzschild radius r = rS in
Schwarzschild coordinates is because the coordinates are invalid at this surface, not
because of any physical limitation.

At r = 0 the coefficient of g00 becomes infinite. In contrast to the apparent
singularity at the Schwarzschild radius, this singularity cannot be removed by a dif-
ferent choice of coordinates. It is a physical singularity where spacetime curvature
becomes infinite and timelike worldlines terminate.

2.1.7 T h e event h orizon

As we shall see, of the many interesting properties of the surface r = rS the most
novel is that it acts as a one-way membrane for information: things can fall into the
region r < rS but cannot emerge from it. For this reason it is called an event horizon
and the region of space within it is called a black hole.

Pro b lem 9 S h ow th at th e (proper) circu m ference of a black h ole of m ass m is 4πm
and th at th e (proper) area is 16πm2.

2.1.8 B irkoff ’s th eorem

The coefficients of the Schwarzschild metric do not depend on t; such a metric is
said to be stationary . Furthermore, there are no cross term involving spacelike and
timelike increments (such as dtdφ) in the metric. A stationary metric satisfying this
further condition is said to be static. We have seen that the Einstein equations,
which led from the general form (2.1) to the particular form (2.4) or (2.8), imply that
a spherically symmetric vacuum solution is static. This result is known as B irkoff ’s
Theorem. It means that if the Sun were to oscillate while remaining spherical the
surrounding vacuum would still be described by the Schwarzschild metric (2.4) and
therefore that the oscillation could not be detected through the gravitational field.
This accords with N ewtonian gravity where a spherical distribution of matter gives the
same gravitational field as a point of the same mass at its centre. O ne can emphasize
the status of the theorem by rephrasing it as a uniqueness result: the Schwarzschild
geometry is the unique spherically symmetric vacuum gravitational field satisfying
Einstein’s equations.

2.1.9 Israel’s th eorem

A converse to B irkoff ’s theorem can also be shown to hold with some additional
technical assumptions: a static vacuum gravitational field must be spherical in general
relativity, hence must be describable by the metric (2.4). We shall explore this in
more detail later. Stated as a uniqueness theorem this becomes: the Schwarzschild
geometry is the unique static vacuum gravitational field in general relativity. O ne is
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always free to choose diff erent coordinates in relativity, so this result does not say
that any spherically symmetric vacuum solution must look like (2.8)! B ut any such
solution can be put into the form (2.8) by a suitable transformation of coordinates.

2.2 O rb its in N ewto n ian g rav ity

The simplest way to derive the equations of a test body orbiting in the gravitational
field of a spherical mass M in N ewtonian theory is to use the conservation of energy
and angular momentum. (The energy and angular momentum are constants of the
motion.) Since the orbit must lie in a plane (by conservation of angular momentum,
or, more directly, by symmetry) we choose the equatorial plane, θ = π/2, of a spherical
polar coordinate system for convenience.

2.2.1 N ew tonian E nergy

For a particle of unit mass in orbit in the equatorial plane the conservation of energy
gives

EN =
1

2

(

(

dr

dt

)2

+ r2

(

dφ

dt

)2
)

− GM

r
, (2.9)

where EN = constant is the total energy per unit mass comprising the kinetic energy
of radial and circular motion and the gravitational potential energy.

2.2.2 Angu lar m om entu m

C onservation of angular momentum implies (i) that the orbit lies in a plane and (ii)
that the magnitude of the angular momentum per unit mass

LN = r2dφ

dt
(2.10)

is constant.

2.2.3 T h e N ew tonian eff ective potential

P utting together (2.9) and (2.10) we get

1

2

(

dr

dt

)2

= EN −
L2

N

2r2
+
GM

r
= EN − VN, (2.11)

where VN is called the eff ective potential. (It is not the usual gravitational potential
itself because it contains the additional centrifugal term. In fact, it is the potential
in a frame rotating with the orbit.)
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Figure 1 Examples of the Newtonian Effective Potential as a function of radius for zero
angular momentum (lower curve) and non-zero angular momentum (upper curve).

2.2.4 Classifi cation of N ew tonian orbits

Figure 1 shows a graph of the N ewtonian eff ective potential as a function of radius
r in the two cases LN = 0 and LN = 1 for a fixed central mass m. In interpreting
the figure remember a horizontal line in the figure represents the motion of a particle
(having constant total energy) and that the diff erence between the total energy and a
given curve is the kinetic energy as a function of radius for given angular momentum:
there is no implication that the motion is radial!

• For LN 6= 0 we see that ṙ2 is positive if EN > Vm in . Thus the radial velocity is
non-zero in these regions.

• From the figure we can see that orbits with EN > 0 extend to arbitrarily large
values of r. These are therefore the unbounded (hyperbolic) orbits.

• O rbits with EN < 0 (but > Vm in ) exist between fixed values of r; these are the
bound (elliptic) orbits.

• There is one special case when EN = Vm in where the value of r is fixed at
rc irc = L2

N/GM , which is clearly a circular orbit.

N ote that, for a central point mass, if LN > 0 a particle with any positive
value of energy will be defl ected by the potential back to infinity.

2.3 Particle o rb its in the Schwarzschild metric

We are now ready to consider the paths of bodies which are subject to no non-
gravitational forces, i.e. the trajectories in spacetime followed by bodies in free fall.
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These are given by geodesics of the metric (2.4). There are several ways to obtain
such particle paths. The simplest is to make use of the symmetries to derive constants
of the motion.

2.3 .1 Constants of th e m otion

L et kµ be a vector in a direction of symmetry, for example kµ = (1, 0, 0, 0) along the
t axis. L et uµ = dxµ/dτ be the tangent vector to the particle path xµ = xµ(τ) in
spacetime and consider the component of kµ along the path, namely uµk

µ. The rate
of change of uµk

µ in the direction uµ is

uν(kµuµ);ν = uνuµ;νk
µ + uνuµkµ;ν

= uνuµ;νk
µ +

1

2
uνuµ(kµ;ν + kν;µ).

Suppose now that the path is a geodesic. Then uνuµ;ν = 0 because this is the
geodesic equation. Furthermore, it can be shown that kµ;ν + kν;µ = 0 for a vector
along a symmetry direction (see chapter 1). Thus uν(kµuµ);ν = 0 and therefore kµuµ

is constant along a geodesic (because, in words, the equation says that the derivative
of kµuµ in the direction of the tangent vanishes).

2.3 .2 Conserved E nergy

C onsider first the time direction, kµ = (1, 0, 0, 0). This is fairly obviously a symmetry
of the static metric, since the metric coefficients are independent of t. (M ore formally,
the metric is unchanged by the transformation xµ → xµ + ε kµ.) We therefore have

gµνk
µuν = g00k

0u0 = g00u
0 = E = constant. (2.12)

because the term in k0 = 1 provides the only non-zero contribution to the sum. N ote
that we write this expression in terms of uµ not uµ because we know that uµ = dxµ/dτ .
N ote that u0 = g0νu

ν = g00u
0, so (2.12) is equivalent to

u0 = E (2.13)

(or u0 = E/c in physical units). H ence, from Eq. (2.12), along any geodesic in the
Schwarzschild geometry, we have explicitly

(1− 2m/r)
dt

dτ
= E. (2.14)

The tangent vector uµ to a geodesic is the 4-velocity vector of a particle in
free-fall that follows the geodesic. Equivalently, uµ is the momentum 4-vector of a
unit mass particle. To find the meaning of the constant E consider the particle at
infinity, then in this limit (2.14) becomes

dt

dτ
= E.
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N ow recall from section 1.3.7 that the scalar product uµ
obsuµ is the energy of a

particle having 4-velocity uµ in the frame of a local observer whose 4-velocity is uµ
obs.

For a stationary observer at infinity (uµ
obs) = (1, 0, 0, 0, ) so for a particle at infinity

uµ
obsuµ =

dt

dτ
= E.

Thus E is the relativistic energy per unit mass of the particle relative to
a stationary observer at infinity. The observer at infinity - sometimes called the
bookkeeper - is an important notion. This observer uses the global Schwarzschild
coordinates (r, θ, φ) and coordinate time t, the time kept by clocks at infinity. For
this observer the energy of a free particle is conserved.

2.3 .3 Angu lar m om entu m

Similarly, for the symmetry in the φ direction, we have kµ = (0, 0, 0, 1) from which,

gµνk
µuν = g33k

3u3 = g33u
3 = −L = constant. (2.15 )

N ote that u3 = g3νu
ν = g33u

3 so (2.15 ) is equivalent to

u3 = −L. (2.16)

U sing u3 = dφ/dτ and the Schwarzschild metric coefficient g33 = −r2 this is explicitly

r2dφ

dτ
= L = constant. (2.17 )

In this case we interpret conservation of the φ component of momentum as the conser-
vation of angular momentum, with L the angular momentum per unit mass relative
to an observer at infinity. This interpretation is clearly borne out by comparison with
the equivalent N ewtonian equation. (R eplace proper time τ by N ewtonian time t and
note that r × rφ̇ is the angular momentum per unit mass.) This explains the choice
of minus sign in (2.16).

Since the gravitational field is spherically symmetric, any free-fall orbit must
lie in a plane. (B ecause all directions are equivalent, there is no way to choose a
particular direction out of the plane in which to move. This is not true if the body
is acted on by forces, such as rocket motors, because these can define a preferred
direction.) As in the N ewtonian case we take θ = constant = π/2, the equatorial
plane, so sin θ = 1, which turns out to be the most convenient choice.

N ote that we prefer to use energy and angular moment per u nit m ass and
hence 4-velocity rather than 4-momentum for particles, since particles of diff erent
mass follow the same worldline. We use 4-momentum whenever we want to compare
the behaviour of a particle as it tends towards the speed of light with that of a photon.
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2.3 .4 T h e eff ective potential

O ur final equation to determine the fourth coordinate along a geodesic comes from
the Schwarzschild metric itself. D ividing (2.8) by dτ 2 we get

1 =

(

1− 2m

r

)(

dt

dτ

)2

−
(

1− 2m

r

)

−1(
dr

dτ

)2

− r2

(

dφ

dτ

)2

. (2.18)

These equations, (2.14), (2.17 ) and (2.18), can be rearranged to give

(

dr

dτ

)2

= E2 −
(

1 +
L2

r2

)(

1− 2m

r

)

= E2 − V 2
eff (r). (2.19)

The quantity Ve ff (r), defined by this equation, is known as the eff ective potential.
N ote that the relation (2.18) (and hence (2.19)) is equivalent to the relation

between energy and momentum for a relativistic particle of unit mass, uµu
µ = pµp

µ =
1, as demonstrated in the following problem.

Pro b lem 10 D erive equ ation (2.19 ) starting from th e scalar produ ct of th e 4 -velocity
of th e particle gµνuµuν = 1.

H enceforth we shall denote the mass of a test particle by m0. This should
not be confused with the geometric mass m of a black hole. B ringing together the
results of the last sections we see that equations (2.14), (2.17 ) and (2.19) govern the
behaviour of particle orbits in the Schwarschild spacetime. We shall now look at some
applications of these equations.

2.3 .5 N ew tonian approxim ation to th e m etric

We are now going to show how the N ewtonian equations of motion for a body mov-
ing slowly (with respect to light) in an equatorial orbit can be obtained from an
approximation to the Schwarzschild metric. P utting θ = π/2 and dividing through
the Schwarzschild metric by dt2 we get

(

dτ

dt

)2

= 1− 2m

r
−
(

1− 2m

r

)

−1(
dr

dt

)2

− r2

(

dφ

dt

)2

. (2.20)

In the N ewtonian limit velocities are small, so we can neglect the factor (1−2m/r)−1

which multiplies (dr/dt)2. (This factor represents a small correction to an already
small quantity.) N ote that this is equivalent to ignoring the factor multiplying dr2 in
the metric. We then set E2 ≈ 1 + 2EN, where EN is small. (In physical units this is
E2 ≈ c2 + 2EN.) We also need to use here the relation (2.14) for dτ/dt which, to the
same order of approximation, is

(

dτ

dt

)2

≈
(

1− 2m
r

)2

1 + 2EN

≈
(

1− 4m

r

)

(1− 2EN) ≈ 1− 4m

r
− 2EN,
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neglecting products of small terms. With these approximations (2.20) gives the N ew-
tonian equation (2.11). Since EN is the N ewtonian energy (per unit mass), E is
clearly the relativistic energy (per unit mass) for a slowly moving particle.

We see that the metric

dτ 2 =

(

1− 2m

r

)

dt2 − dr2 − r2(dθ2 + sin2 θdφ2) (2.21)

reproduces the N ewtonian equations of motion for slowly moving bodies. We can
therefore regard this as the N ewtonian approximation to the metric (even though
N ewtonian gravity is not a metric theory, so does not strictly correspond to a space-
time structure with any metric.) We see that in this approximation the gravitational
potential produces a redshift, but not a curvature of space. This metric cannot ac-
count correctly for the perihelion precession of M ercury or for the bending of light.

Pro b lem 11 Verify directly from th e geodesic equ ations (1.6 ) th at th e N ew tonian
m etric (2.21) reprodu ces th e N ew tonian equ ations of m otion for slow ly m oving bodies.
(Y ou w ill need to com pu te th e com ponents of th e affi ne connection as in ch apter 1
and neg lect sm all q u antities.)

2.3 .6 Classifi cation of orbits

Figure 2 shows a plot of the eff ective potential Ve ff (r) against r. There are still regions
of bound and unbound orbits, although there is no reason to believe these will be
elliptical or hyperbolic now. B etween the two there is a marginally bound (but not
parabolic) orbit and the special case of a circular bound orbit. The most striking
feature however, is that no amount of angular momentum can keep an orbit of suffi-
cient energy out of the region r < 2m. Even worse, for particles with small angular
momentum relative to the mass of the central object, in fact if L < 2

√
3m, all orbits

end up inside r = 2m. C ompare this with the N ewtonian case (Fig. 1) where any
angular momentum prevents a particle reaching r = 0. This is the first hint that if
we can extend the vacuum field to such small radii then peculiar things will happen.

2.3 .7 Radial infall

L et a particle be in radial free fall. Then its 4-velocity is (uα) = (u0, u1, 0, 0) for
purely radial motion. From (2.14) we have

u0 =
dt

dτ
=

E
(

1− 2m
r

) ,

and, using 1 = gαβp
αpβ, we have

u1 = ±
(

E2 − 1 +
2m

r

)1/2

. (2.22)
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Figure 2 Examples of the relativistic effective potential, plotted as 1
2

[

V 2
e ff − 1

]

as a
function of radius for L/m = 4.3, 3.7 5 , 3.46.

Pro b lem 12 O btain th e resu lt (2.22).

The simplest orbit we can treat is the radial infall of a particle released from
rest at infinity. In this case the particle at infinity has rest energy only, so E = 1.

H ence u1 =
(

2m
r

)1/2
.

Pro b lem 13 S h ow th at th e escape velocity from radiu s r m easu red by a stationary

observer at r is
(

2m
r

)1/2
. W h at is th e escape velocity from th e h orizon at r = 2m?

2.3 .8 T h e locally m easu red energy of a particle

We have just seen that for a distant observer the total energy per unit mass of the
infalling particle has a constant value E. For comparison, the energy E measured
by a local observer maintained at fixed coordinate position r with 4-velocity (uµ) =
(dt/dτ, 0, 0, 0) is given by uµpµ, the projection of the particle 4-momentum along uµ.

For an observer at rest in the Schwarzschild spacetime, from the metric,

dτ 2 = (1− 2m/r)dt2,

so
(uµ) = ([1− 2m/r]−1/2, 0, 0, 0)

and

E = uµpµ =
m0E

(

1− 2m
r

)1/2
. (2.23)
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It follows that as measured by local stationary observers the energy of the freely
falling particle increases with decreasing r.

H ow is this compatible with the view of distant observers, who assign a fixed
value m0E to the energy? Equation (2.23) shows that the two energies are related by
a redshift factor. It is helpful to understand why this is just what is required by energy
conservation. Suppose the infalling particle is stopped by a stationary observer, its
energy E converted to radiation and sent back to infinity. The energy of this radiation
certainly suff ers a redshift, so the energy received at infinity is E (1− 2m/r)1/2 . U nless
this is equal to the energy m0E that we started with, we should be able to construct
a perpetual motion machine. Thus, (2.23) exactly expresses energy conservation.

We can obtain one more result from this argument. The kinetic energy of
the particle in the local frames of reference is obtained by subtracting the rest mass
energy from the total energy:

E −m0,

where as usual we put c = 1. Suppose that the particle is brought to rest at r and just
the kinetic energy sent back to infinity as radiation. This energy suff ers a redshift
relative to the distant observer, so the energy received at infinity is

(E −m0)

(

1− 2m

r

)1/2

= m0E −m0

(

1− 2m

r

)1/2

.

Thus, according to the distant observer, after being brought to rest the particle is
left with an energy

m0

(

1− 2m

r

)1/2

, (2.24)

this being the diff erence between the initial energy at infinity m0E and the amount
received back in radiation. As r → 2m the energy sent to infinity is just the original
total energy m0E. The particle cannot give up any more energy to infinity than this.
For suppose that its rest mass is converted to radiation at the horizon and sent back
to infinity. According to (2.24) the energy received at infinity is redshifted to zero.

2.3 .9 Circu lar orbits

B ringing an infalling particle to rest at a given radius, as in the previous section, is
somewhat artificial. M ore realistically we can consider the circular orbits that are
possible about the central mass.

For a circular orbit (r = constant) the two conditions

dr

dτ
= 0 and

d2r

dτ 2
= 0 (2.25 )

must be satisfied. The first condition, in conjunction with Eq. (2.19), tells us that
E = V (r), so the energy lies on the eff ective potential curve. The radial equation
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(2.19) gives also, in general, by diff erentiation with respect to τ ,

d2r

dτ 2
= −1

2

d

dr
V 2

eff (r).

H ence, the second condition of (2.25 ) gives

dV 2
eff

dr
= 2Ve ff

dVe ff

dr
= 0,

and hence, finally, dVe ff /dr = 0. Therefore circular orbits are possible only at turning
points of the eff ective potential.

U sing the explicit form for V 2
eff (r) from (2.19) we find the turning points occur

at

r =
L2

2m
± 1

2

√

L4

m2
− 12L2. (2.26)

For L2 > 12m2 there are two solutions, the negative sign in (2.26) corresponding to a
maximum of Ve ff (r), which is an unstable point, and the positive sign to a minimum
of Ve ff (r), which is therefore stable.

Pro b lem 14 S h ow th at th e solu tions obtained by taking th e ± signs in (2.26 ) corre-
spond respectively to a m inim u m and a m axim u m of th e eff ective potential.

At L2 = 12m2 there is just one circular orbit: the maximum and minimum
of the curve come together at a point of infl ection for this value of L. This orbit
is marginally stable (d2Ve ff /dr

2 = 0) and is the innermost (marginally) stable orbit.
From (2.26) the condition L2 = 12m2 gives a radius r = 6m for this innermost stable
orbit. B ecause the orbit is only marginally stable, a particle at r = 6m perturbed
inward by a small amount will fall towards r = 2m. (At this stage we cannot say
what will happen after that.)

2.3 .10 Com parison w ith N ew tonian orbits

In N ewtonian gravity circular orbits can exist at any radius, however small, and are
always bound. The angular momentum per unit mass of a particle in an orbit at r is
L = (mr)1/2 and its binding energy per unit mass is E = −m/2r. A particle moving
in from infinity must lose energy before it can go into orbit, and an infinite amount
of energy can be extracted from a particle falling into a ‘N ewtonian’ black hole.

For a Schwarzschild black hole stable circular orbits exist for r ≥ 6m only, and
they are all bound. The angular momentum per unit mass of a particle in a circular
orbit at radius r is

L =

(

mr

1− 3m/r

)1/2
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and the energy per unit mass is

E =
1− 2m/r

(1− 3m/r)1/2
. (2.27 )

For r < 6m circular orbits are unstable. In the range 4m < r < 6m the unstable
orbits are bound (E < 1). At r = 4m we have E = 1 and L = 4m. In the range
3m ≤ r ≤ 4m the orbits are unstable and unbound (E ≥ 1). Thus, a particle
coming in from infinity with E ≥ 1 can (in principle) settle into an unstable circular
orbit without losing any energy, provided that it has the appropriate value of angular
momentum. O f course, since the orbit is unstable, in practice a small perturbation
would eject the particle again. N evertheless, this is a non-N ewtonian feature of the
strong gravitational field.

As r → 3m both E and L tend to infinity, so only zero mass particles (photons)
can orbit at this radius.

Pro b lem 15 S h ow th at th e specifi c angu lar m om entu m of a particle in a circu lar
orbit is g iven by

L =

(

mr

1− 3m/r

)1/2

.

S h ow th at th e energy of th is particle is

E =

(

1− 2m

r

)(

1− 3m

r

)

−1/2

.

Pro b lem 16 S h ow th at th e proper period of th e orbit is

τ = 2π

(

r3

m

)1/2(

1− 3m

r

)1/2

and th at th e coordinate period is

T = 2π

(

r3

m

)1/2

.

Pro b lem 17 S h ow th at th ere exists an u nstable circu lar orbit into w h ich a particle
com ing from infi nity w ith specifi c energy E = 1 and im pact param eter L/E = 4m is
inserted.

2.3 .11 O rbital velocity in th e fram e of a h overing observer

What is the orbital speed of a particle as measured by a hovering observer? We can
calculate this as follows. The hovering observer has velocity 4-vector

(uµ
H) =

(

(1− 2m/r)−1/2 , 0, 0, 0
)

,
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and the orbiting particle has 4-velocity

(uµ) = (E, 0, 0, L),

where E is, as usual, the conserved energy per unit mass at infinity. L et the energy
per unit mass of the particle be γc2 with respect to the hovering observer. Then,
with c = 1, the projection of the momentum of the particle on the 4-velocity of the
observer gives

γ = uµu
µ =

E

(1− 2m/r)1/2
.

B ut recall from special relativity that, in terms of the velocity v of the orbiting particle
(and with c = 1), γ = (1− v2)−1/2. So using (2.27 ) for E and solving for v we find

v =
(m/r)1/2

(1− 2m/r)1/2
.

Pro b lem 18 S h ow th at th e local orbital velocity in a circu lar orbit at radiu s r equ als
th e escape velocity , ve sc = (2m/r)1/2, w h en r = 4m and exceeds th e escape velocity for
r < 4m. H ence dedu ce th at a circu lar orbit at r < 4m is u nbou nd.

2.3 .12 E nergy in th e last stable orbit

It is of interest to find the energy of a particle in the innermost stable orbit at
r = 6m, because this will tell us how much energy can be extracted, in principle,
from a particle spiralling slowly inwards. For a circular orbit, we have from (2.19)

E2 =

(

1− 2m

r

)(

1 +
L2

r2

)

.

With L2 = 12m2 and r = 6m this becomes

E2 = 8/9.

N ow a particle at rest at infinity has E = 1 (again from (2.19)). So the binding
energy per unit mass of a particle in the innermost stable orbit is

1−
√

8

9
= 0.05 7 2,

or about 5 .7 per cent of m0c
2 for a particle of mass m0.

This means that matter spiralling inwards in, for example, an accretion disc
(chapter 6), will release 5 .7 per cent of its rest mass energy before it plunges into the
hole from the last stable orbit. For comparison note that nuclear fusion yields about
0.7 per cent of rest mass energy.
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2.4 O rb its o f lig ht rays

The behaviour of light can also be used to show the eff ect of the strong gravitational
field at small radii. To obtain the trajectories of light rays consider again the equations
of motion for a particle of mass m0. For conservation of energy we have from (2.14)

m0 (1− 2m/r)
dt

dτ
= m0E.

For a photon we let dτ → 0 and m0 → 0 with dλ = dτ/m0 finite. Then for a ray of
light

(1− 2m/r)
dt

dλ
= Ep h ,

where m0E → Ep h as m0 → 0 and E →∞. Similarly, from Eq. (2.17 ), conservation
of angular momentum gives

r2dφ

dλ
= Lp h .

where m0L→ Lp h . In addition, we now have

dτ 2 = 0,

or, equivalently gµνpµpν = 0, from which

(

dr

dλ

)2

= E2
p h −

L2
p h

r2

(

1− 2m

r

)

= E2
p h − V 2

p h , (2.28)

where λ is an affine parameter along a ray. The corresponding eff ective potential
Vp h (r) has a maximum at r = 3m, which is independent of Lp h . This is therefore a
circular orbit for photons, but because Vp h is a maximum the orbit is unstable. The
potential Vp h (r) has no minima, so there are no stable circular orbits for photons. In
other words, although in principle the gravity of a spherical mass can act on light to
keep it moving in a circle, in practice this cannot happen.

D rawing together the above results, the equations (2.14), (2.17 ) and (2.28)
govern the behaviour of light rays in the Schwarzschild geometry.

Pro b lem 19 E valu ate dτ/m0 in an inertial fram e and sh ow th at in th e lim it as
dτ → 0 and m0 → 0, dτ/m0 → dt/Ep h .

Pro b lem 20 T h e local speed of ligh t in relativ ity is alw ay s c. Verify th at th is is tru e
for th e S ch w arzsch ild m etric. (H int: obtain an expression for th e local velocity of a
fi nite m ass particle and consider th e lim it as its rest m ass tends to 0 .)
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2.4 .1 Radial propagation of ligh t

The 4-momentum of a light ray propagating radially is (pα) = (dt/dλ,±dr/dλ, 0, 0).
Thus, from (2.4)

p0 =
Ep h

(

1− 2m
r

)

where Ep h is the conserved photon energy in the Schwarzschild frame. N ow from
gαβp

αpβ = 0, we obtain p1 = ±Ep h . So

(pα) =

(

Ep h
(

1− 2m
r

) ,±Ep h , 0, 0

)

.

We have seen that in section 2.1.4 that light of wavelength λ sent from a stationary
source at coordinate r to an observer at infinity suff ers a redshift

λ∞ = λ

(

1− 2m

r

)

−
1

2

.

N ow we consider the case of a probe in radial free-fall transmitting signals back to
a spaceship at infinity. We want to find the relationship between the received and
transmitted wavelengths. This can be done by evaluating the scalar product uαpα,
where uα is the 4-velocity of the probe and pα is the 4-momentum of a photon.
Evaluating the scalar product in a locally freely falling frame in which the probe is
stationary gives

uαpα = h ν,

where ν is the frequency of the signal in the rest frame of the probe. N ow we evaluate
the scalar product in the Schwarzschild frame, which is the frame of an observer at
infinity. The components of the 4-velocity of the probe in the Schwarzschild frame,
assuming it has dropped from rest at infinity, are

(uα) =

(

(

1− 2m

r

)

−1

,−
(

2m

r

)
1

2

, 0, 0

)

,

where u0 is given by equation (2.14) with E = 1. The u1 component is obtained
from gµνu

µuν = 1 with the assumption that the probe falls from rest at infinity. The
covariant components of the outwardly propagating photon are

pα =

(

h ν∞,−
h ν∞

(

1− 2m
r

) , 0, 0

)

.
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So

uαpα =
h ν∞

(

1− 2m
r

) +

(

2m

r

)
1

2 h ν∞
(

1− 2m
r

)

= h ν∞

(

1−
(

2m

r

)
1

2

)

−1

= h ν,

where the second equality follows from the invariance of the scalar product. So finally
we get for the wavelength at infinity

λ∞ = λ

(

1−
(

2m

r

)1/2
)

−1

. (2.29)

Pro b lem 21 A spacesh ip plu nges from rest at infi nity into a black h ole. S h ow th at
th e frequ ency at w h ich signals sent from infi nity w ith frequ ency ν∞ are received by
th e spacesh ip at th e h orizon is ν∞/2. W h at is th e frequ ency of th is signal seen by
th e crew of th e spacesh ip from inside th e h orizon (assu m ing th at th ey su rv ive for long
enou gh )?

2.4 .2 Captu re cross-section for ligh t

The bending of light by gravity means that non-radial light rays can be captured by
a black hole. L ater we shall discuss the interior spacetime of a black hole r < 2m.
For this we shall need to know which light rays can enter this region, that is, we shall
need the capture cross-section of the black hole region for light rays. To look at the
general properties of the orbits of light rays we return to the corresponding eff ective
potential (Fig. 3)

V 2
eff =

L2
p h

r2

(

1− 2m

r

)

.

The height of the maximum at r = 3m is L2
p h /27m2 = V 2

m a x . For Ep h > Vm a x

an incoming photon enters r = 2m so it is captured by the hole. For Ep h < Vm a x

an incoming photon is scattered by the potential back to infinity, so is not captured.
The condition of capture is therefore Lp h /Ep h <

√
27m.

If the impact parameter of the photon that is just captured by the hole is b,
then the capture cross-section of the hole is πb2. So we have to relate the geometrical
quantity b to the dynamical properties of the orbit, Lp h and Ep h . N ow, the angular
impact parameter b: Lp h = pb. For a photon we have Ep h = p (recall that c = 1 in
our units), so we can put b = Lp h /Ep h . This gives us the capture cross-section

σ = πb2 = 27πm2,

whereas the geometrical cross-section is πr2
s = 4πm2.



3 4 Spherical Black Holes

0.12

5

0.08

0.04

432

radius, r/m

10987

0.2

6

0.16

Figure 3 Example of the relativistic effective potential for light rays.

Pro b lem 22 U sing equ ation (2.28) and th e conditions for a circu lar orbit (section
2.3 .9 ) sh ow th at a ligh t ray com ing in from infi nity w ith im pact param eter b = 3

√
3m

enters an u nstable circu lar orbit of radiu s r = 3m.

It follows from problem 22 that a light ray coming from the unstable circular
orbit at r = 3m and travelling outwards will have an impact parameter 3

√
3m. Thus

to a distant observer the apparent radius of the black hole is 3
√

3m.

Pro b lem 23 T h e black h ole at th e centre of ou r G alaxy h as a m ass of ∼ 4×106M�.
W h at is its apparent angu lar diam eter as seen from th e E arth , a distance of 8 kpc
from th e G alactic centre? T h is is of interest becau se it is now possible to resolve
stru ctu res of th e order of 4 0 m icro arc seconds u sing very long baseline interferom etry
at w avelength s of th e order of 1.3 m m . (D oelem an et al., 20 0 8)

2.4 .3 T h e view of th e sky for a stationary observer

Suppose that a stationary observer at radius r looking at the sky in the equatorial
plane θ = π/2 receives a ray of light making an angle ψ′ with the outward radial

direction. This ray undergoes a proper radial displacement dr/
(

1− 2m
r

)1/2
and a

proper tangential displacement rdφ for each increment dλ of affine parameter. From
Fig. 4 the angle ψ′ is therefore given by
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dφ

ψ′

r

dr

(1− 2m

r )1/2

r dφ

Figure 1 Geometry of a light ray.Figure 4 G eometry of a light ray.

sin2 ψ′ =
r2dφ2

r2dφ2 + dr2/
(

1− 2m
r

)

=

(

1− 2m
r

)

(

1− 2m
r

)

+ 1
r2

(

d r
d φ

)2
.

B ut dr/dφ = (dr/dλ)/(dφ/dλ) = (dr/dλ)/(Lp h /r
2), and therefore from (2.28)

(

dr

dφ

)2

=
E2

p h

L2
p h

r4 −
(

1− 2m

r

)

r2,

and finally

sinψ′ = ±
(

1− 2m

r

)1/2
b

r

where b = Lp h /Ep h is the impact parameter. We take the positive square root so that
ψ′ is near 0 for small b. Then, also,

cosψ′ =

[

1−
(

1− 2m

r

)

b2

r2

]1/2

. (2.30)

N ow, according to the calculation of the previous section, an observer close
to the horizon at r = 2m will receive only those rays with an impact parameter
b ≤

√
27m. The corresponding maximum angle is given by

sinψ′m a x ≈
(

1− 2m

r

)1/2
√

27

2
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as r → 2m. Thus the black hole fills the whole sky except for a disc of angular

diameter
√

27
(

1− 2m
r

)1/2
, which closes up to zero for the observer at the horizon.

2.5 C lassical tests

We have considered the special cases of radial and circular orbits of particles; now we
look at more general orbits. The orbit equations (2.17) and (2.19) allow us to find
dr/dφ as a function of r and hence to compute the paths of bound particles in space.
The results can be compared with observation, for example with the perihelion pre-
cession of the planet Mercury. Similarly the equations of light rays allow calculation
of the bending of light by, for example, the Sun. In these and other ways relativity
can be compared with observation. In all of these tests the general relativistic result
is found to be at the centre of ever-narrowing error bars. This is discussed further in
standard texts on relativity.

These solar system tests involve weak gravitational fields so do not directly
imply that strong field effects are correctly predicted by relativity. One example of a
strong field test is the speeding up in the period of the binary pulsar (Taylor 1994).
But we also look for direct or indirect observation of black holes, having the predicted
properties, to verify the theory. (See chapter 5.).

Problem 24 Obtain the equation of the orbit of a test mass with specific angular
momentum L in the equatorial plane of a spherical mass m in the weak field limit
GM/Rc2 << 1

d2u

dφ2
+ u =

m

L2
+ 3mu2,

where u = 1/r. B y seeking an approximate solution of the form u = l−1(1 + ε cosλφ)
for small eccentricity ε, show that the perihelion rotates by 6πm/l per orbit.

Obtain similarly the equation of motion of a light ray

d2u

dφ2
+ u = 3mu2.

S how that in the absence of the non-N ewtonian term on the right of this equation the
motion of light is a straight line. W ith this term, 3mu2, included, verify that there is
a unique circular orbit for photons.

2.6 Fallin g in to a black h ole

From an astrophysical point of view we are interested in the collapse of a sphere
of matter that cannot support itself against gravity. This was first discussed by
Oppenheimer and Snyder (1939). From Birkoff’s theorem on the uniqueness of the
Schwarzschild metric we already know that the collapse of a spherical star from the
point of view of an external observer is described by the Schwarzschild geometry.
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To be precise let us assume that the pressure support in the star has been removed
completely and that the surface of the star is in free fall. This gives us a simple way
of discussing the approach of the surface towards r = 2m. Specifically, we want to
know how much time it takes, according to an observer located at a large fixed value
of r, for the surface to approach r = 2m.

2 .6 .1 Free-fall time for a distant observer

For radial free fall we can refer to section 2.3.7 to obtain (2.31) below, or we start
again from (2.19), (

dr

dτ

)2

= E2 −
(
1− 2m

r

)
,

where we have put L = 0 for radial infall. Assuming that the collapse started with a
negligible inward speed,

dr

dτ
→ 0 as r →∞,

so E2 = 1. Thus (
dr

dτ

)2

=
2m

r
. (2.31)

H owever, viewing the collapse from a large distance, we do not record the proper time
of the infalling matter, but we use our own proper time, which is the coordinate time
t. Thus we use

dt

dτ
=

1

1− 2m
r

,

from which
dr

dt
= −

(
2m

r

)1/2(
1− 2m

r

)
(2.32)

describes the infall of the surface as seen from a distance. We integrate this from a
large value of r, r = R, say, to close to r = 2m (using r′ as the integration variable
to distinguish it from the infall radius):

t = −
∫ r

R

(
r′

2m

)1/2
r′dr′

r′ − 2m
.

To approximate the integral note that the major contribution is from close to r ′ = 2m
so we put r′ = 2m+ ε and hence, expanding in powers of ε,

(
r′

2m

)1/2
r′

r′ − 2m
=
2m

ε
+ ...,

where the higher order terms not shown are small compared to 1/ε. H ence,

t ∼ −2m
∫ r

R

dr′

r′ − 2m
,
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approximately, and

t ∼ −2m log
( r

2m
− 1
)
,

the contribution from the lower limit r′ = R, which we have neglected, being much
smaller than the term we retain provided that r is close enough to 2m. This is the
time taken for the collapsing surface to approach r = 2m from a large radius. N otice
that it tends to infinity as r → 2m.

2 .6 .2 L ight-travel time

But the observer will not see the approach until a photon from the surface has had
time to reach him. Therefore, we have to add the time taken by a ray of light to
reach a large distance from close to r = 2m.

For a light ray dτ 2 = 0 so, from the metric with dθ = dφ = 0 also

dt

dr
=

1

1− 2m
r

.

Integrating

t′ =

∫ R

r

r′dr′

r′ − 2m
∼ −2m log

( r

2m
− 1
)
,

again taking the main contribution to the integral to come from close to r = 2m.
The observer sees the surface at time T = t+ t′ where, therefore,

T = −4m log
( r

2m
− 1
)
. (2.33)

This tends to infinity at r = 2m. Thus, for an external observer the infall to r = 2m
takes an infinite time.

2 .6 .3 W hat the external observer sees

The wavelength λ∞ of radiation received at large r coming from a freely falling source
is

λ∞ = λ

(
1−

(
2m

r

) 1

2

)−1

.

See section 2.4.1 So the red shift is

1 + z =
λ∞
λ

=

(
1−

(
2m

r

) 1

2

)−1

=

(
2m

r

)− 1

2

(( r

2m

) 1

2 − 1

)−1

.

To express this in terms of the time T of a distant observer rewrite equation
(2.33) as follows:

(( r

2m

) 1

2

+ 1

)(( r

2m

) 1

2 − 1

)
= e x p

(
− T

4m

)
.
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H ence

1 + z =

(
2m

r

)− 1

2

(( r

2m

) 1

2

+ 1

)
e x p

(
T

4m

)
.

So as r → 2m the external observer sees the redshift tend to infinity exponentially
quickly as the surface of the star approaches r = 2m.

Similarly the luminosity decreases proportionally to 1/(1 + z)2 (one factor of
1+z coming from the redshift and one from time dilation: the photon energy falls and
so does the rate of arrival of photons). Thus an external observer sees the luminosity
of the star decline in time as exp(−T/2m) as it collapses to r = 2m. (A more accurate
calculation would take into account non-radial rays leading to a luminosity that falls
approximately as exp(−T/3

√
3m).)

Seen by a distant observer the velocity dr/dt of an infalling object increases
during the initial stages of the fall but later, as it approaches the horizon, it decreases
to hover forever just outside the horizon. This assumes the object is viewed through
infinitely sensitive instruments that can continue to detect it despite its exponentially
fading luminosity. Thus, from the point of view of an external observer a collapsing
star would never form a black hole. This caused a lot of confusion in the 1960s and
led R ussian astronomers to call black holes ’frozen stars’. That black holes do form
can be seen by looking at the collapse in the reference frame of the falling object.

2 .6 .4 An infalling observer’s time

From equation (2.31) in terms of the proper time of an infalling observer we have

τ = −
∫ 2m

R

( r

2m

)1/2

dr =
4

3
m

((
R

2m

)3/2

− 1

)

as the time to fall from r = R to r = 2m. Thus the infalling observer reaches r = 2m
from a finite distance in a finite proper time.

A falling object can also be viewed by observers situated on static shells that
it passes on its way. The velocity of the object relative to the shell at coordinate r is
given by

vloc =
proper distance

proper time
=

dr

(1− 2m/r) dt
.

U sing (2.32) for an object falling from rest, we get

vloc =

(
2m

r

)1/2

. (2.34)

(An equivalent result was obtained in section 2.3.7.) Thus the locally measured
velocity of infall increases steadily with decreasing r and in the limit as r → 2m we
get vloc → 1 (i.e. in physical units the locally measured speed tends to c).
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Problem 25 a) A particle falls from rest at infinity . S how that the time it takes to
fall from r = 2m to r = 0 is 4m/3.
b) S how that the maximum time that a particle can take in going from r = 2m to
r = 0 is mπ. (H int: use the metric and the condition that the world line of the falling
particle must be light-like in the limit.)
c) S how that it corresponds to a particle falling from rest at r = 2m.
d) W hy would you expect this world line of maximum proper time to be a geodesic?

2 .6 .5 W hat the infalling observer feels

Seen from a local frame fixed with respect to the Schwarzschild coordinates a radially
infalling particle having E = 1 falls with speed vloc = (2m/r)1/2 (section 2.31, or
E q. (2.34)). If we work from the frame of the freely falling particle, the speed of the
coordinate lattice in this frame is also vloc = (2m/r)1/2. L et τ be the proper time of the
particle. The acceleration of the stationary frame is dvloc/dτ = (dvloc/dr)(dr/dτ) =
(dvloc/dr)vloc = m/r2.

As in N ewtonian physics the dependence of the acceleration on radial distance
means that an extended body will feel a tidal force. We want to calculate this tidal
force from the point of view of the infalling observer (who will after all be subject to
the force). We follow the derivation in Taylor and Wheeler (2000). Any two observers
agree on their relative acceleration, so the relative acceleration of the head and the
feet of a radially aligned infalling observer is

dg =
2m

r3
dr.

To get the tidal force we need the proper distance corresponding to a coordinate
distance dr (because our height that we measure in metres is our proper height in
free fall, not, in principle, a coordinate displacement in Schwarzschild coordinates,
although the two will turn out to be numerically the same).

In a stationary frame the proper distance corresponding to a displacement
dr is dr (1− 2m/r)−1/2 . For the freely falling observer moving with speed
vloc = (2m/r)1/2, this length is contracted by a factor

1/γ =
(
1− v2

loc

)1/2
= (1− 2m/r)1/2.

So the proper length in the freely falling frame is

γ−1dr (1− 2m/r)−1/2 = dr.

The tidal acceleration on a body of extension ∆r is therefore approximately
(2m/r3)∆r. At some point this will begin to cause pain for the infalling observer. We
want to calculate how long this pain must be endured before the singularity at r = 0
is encountered.
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Suppose that our criterion for the onset of pain is ∆g = gE, the gravity at the
E arth’s surface. This will occur at a radius rp = (2m∆r/gE)

1/3. The infall time to
r = 0 is obtained by integrating (2.31):

τ = −
∫ 0

rp

( r

2m

)1/2

dr =
2r

3/2
p

3(2m)1/2
=
2

3

(
∆r

gE

)1/2

.

N ote that this is independent of the black hole mass.

Problem 26 S how that for a standard observer of height 2m the infall time from
the threshold of pain to death at the singularity is about 0.3s. S how that for an
observer falling into a 1M� black hole the threshold of pain occurs well outside the
S chwarzschild radius. For what mass black hole does the pain threshold coincide with
the S chwarzschild radius?

Problem 27 W hat mass of black hole would allow an observer in free fall to survive
for a year inside the horizon before being destroyed?

2.7 C ap tu re by a black h ole

In section 2.4.2 we looked at the probability that a ray of light would be captured by
a black hole taking into account the bending of light by the gravitational field of the
black hole. It is of interest to calculate the corresponding capture cross-section of a
black hole for particles. The method is similar: any particle with energy E > V m a x

e ff is
captured by the hole. This gives us a critical angular momentum for capture. Instead
of angular momentum (for a unit mass particle) L we use the impact parameter b
defined in terms of the particle velocity at infinity v by L = vb. The capture cross-
section is πb2. With a lot of algebra it can be shown that the maximum of

V 2
eff =

(
1− 2m

r

)(
1 +

L2

r2

)

occurs for r = (L2/2m)
[
1− (1− 12m2/L2)

1/2
]
and is given by

(V m a x
e ff )2 =

1

54

[
l2 + 36 +

(
l2 − 12

)(
1− 12

l2

)1/2
]
, (2.35)

where l = L/m.
For the rest of the calculation we consider two limiting cases.

2 .7 .1 C ase I: C apture of high angular momentum particles

Inserting the condition l � 1 into (2.35) and using the binomial expansion gives

(V m a x
e ff )2 ≈ l2 + 9

27
.
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The critical angular momentum below which capture will occur is therefore l2
∗
=

27E2 − 9. Thus, for a particle of energy E per unit mass and momentum p per unit
mass, the critical impact parameter is

b∗ =
L∗
p
=

ml∗
(E2 − 1)1/2

,

and the cross-section is therefore

σ = πb2
∗
=

πm2l2
∗

(E2 − 1)
.

For large E (E � 1) we have (E2−1)−1 = E−2(1−1/E2)−1 ≈ E−2(1+1/E2),
so

σ ≈ πm2

E2

(
1 +

1

E2

)(
27E2 − 9

)
= 27πm2

(
1 +

2

3E2

)
.

N ote that as E → ∞, σ → 27πm2, and we recover the capture cross-section for a
photon.

2 .7 .2 C ase II: C apture of low energy particles

For a particle with low energy (v � 1) we put (V m a x
e ff )2 = E2 ≈ (1 + 1

2
v2)2 ≈ 1 + v2

as the limit for capture and solve for the critical angular momentum l∗ in terms of v.
This gives

l2 ≈ 16 + 27v2 + . . . ,

neglecting terms in v4 and higher. Thus

σ =
16πm2

v2
,

which agrees with our intuition that a particle moving slowly enough will be captured
by the gravity of the black hole.

2.8 S u rface g rav ity of a black h ole

In this section we are going to derive an important quantity associated with a black
hole, called its surface gravity by analogy with the acceleration due to gravity g of
N ewtonian theory. First we need to determine the acceleration of a particle at rest
with respect to a local observer at rest, and then to determine how this acceleration
appears from infinity.

2 .8 .1 T he proper acceleration of a hovering observer

The proper or rest frame acceleration a of a particle is related to its 4-acceleration
aµ by equation (1.13):

aµaµ = −a2,
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where

aµ =
duµ

dτ
+ Γµ

ρσu
ρuσ.

The components of the 4-velocity of a hovering observer are

uµ =

((
1− 2m

r

)− 1

2

, 0, 0, 0

)
.

The only non-zero component of the 4-acceleration is

a1 =
du1

dτ
+ Γ1

00

(
u0
)2

where

Γ1
00 =

m

r2

(
1− 2m

r

)
.

As u1 = 0 we obtain
a1 =

m

r2
, and a1 = g11a

1.

Finally ,

aµaµ = −
(m
r2

)2
(
1− 2m

r

)−1

,

so

a =
m

r2

(
1− 2m

r

)− 1

2

.

N ote that the proper acceleration goes to infinity at the horizon, so only a photon
can hover at the horizon.

2 .8 .2 S urface gravity

What is the gravitational acceleration at the event horizon as seen from infinity?
The result in fact has the N ewtonian form m/r2. (N ote that this is not the locally
measured gravitational acceleration at the hole, which we have just calculated in the
previous section, so it is not the same as N ewtonian gravity, nor is it the N ewtonian
approximation at large distances that we are dealing with, even though this has the
same form.) We shall give two ways of arriving at this answer, offering different
levels of physical insight and mathematical sophistication. First a simple physical
approach.

C onsider a massless inextensible string used by a distant observer to raise
a particle of unit mass at a radius r through a distance dl. In this process the
local energy of the particle increases by dEr = grdl, where gr is the acceleration
due to gravity at r. The energy expended by the distant observer in this process is
dE∞ = g∞dl. By conservation of energy the two energies are related by a redshift
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factor. (Otherwise one could make a perpetual motion machine by converting energy
to radiation and sending it between the two ends of the string.) Thus

gr

g∞
=

Er

E∞
=

(
1− 2m

r

)−1/2

(2.36)

so

g∞ =
m

r2
. (2.37)

H ere gr is the proper acceleration felt by an observer hovering at radius r, which
would be interpreted as the acceleration due to gravity at the radius r. It is given
by (2.8.1). As r → 2m, gr → ∞. N evertheless, the force required at infinity to hold
the particle of unit mass hovering at the horizon is g∞ = m/(2m)2 = 1/4m. We call
this the surface gravity κ of the black hole. Our result is therefore that the surface
gravity of a Schwarzschild black hole is κ = 1/4m.

2 .8 .3 Rindler coordinates

To investigate further what the spacetime is like in the vicinity of the event horizon
we introduce a new set of coordinates in this region. For the time coordinate we use
the Schwarzschild t, but we define a new radial coordinate ξ centred on r = 2m and
symmetrical about this origin by

r − 2m =
ξ2

8m

where the factor of 8 has been inserted with hindsight to tidy up the resulting ex-
pressions. We also define

κ =
1

4m
,

which we have seen is the surface gravity of the black hole. Then we find

1− 2m

r
=

(κξ)2

(1 + κ2ξ2)
(2.38)

∼ κ2ξ2 (2.39)

near ξ = 0 (i.e. near r = 2m). So near the horizon the metric is approximately

dτ 2 ∼ κ2ξ2dt2 − dξ2 − 1

4κ2
dω̃2, (2.40)

where

dω̃2 = dθ2 + sin2 θdφ2.

The coordinates (t, ξ, θ, φ) are called R indler coordinates.
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This metric has a simple interpretation. C onsider just the (t, ξ) plane and let

T = ξ sinh κt (2.41)

X = ξ cosh κt.

Substitution into the (t, ξ) part of the R indler metric (2.40) shows that

dτ 2 = dT 2 − dX2, (2.42)

which is just Minkowski spacetime in two dimensions.

Problem 28 D erive equation (2 .4 2 ).

So for an observer hovering near the horizon the R indler metric is just
Minkowski spacetime in an unusual coordinate system! N ear the horizon of a spherical
black hole the geometry is approximately fl at.

This may require some explanation. To remain near the horizon keeping r
close to 2m an observer must apply an acceleration. (U n-accelerated trajectories are
radial geodesics which fall into the hole.) It is along this accelerated trajectory that
the metric is approximately fl at. This is a special feature. In a general spacetime it is
only (unaccelerated, freely falling) geodesic observers who see their neighbourhoods
as approximately fl at.

Problem 29 T he proper time interval given by the Rindler metric in two dimensions
is

dτ 2 = κ2ξ2dt2 − dξ2.

On the curve ξ = 1/a = constant we have, from E q. (2 .4 1 ),

T = a−1 sinh κt,

X = a−1 cosh κt.

From this calculate the components of the proper acceleration on this trajectory in
(T,X) coordinates, namely d2T/dτ 2 and d2X/dτ2, and show that the magnitude of
the proper acceleration is a.

Thus a is the proper acceleration on the curve ξ = 1/a. From E q. (2.39)

a ∼ κ
(
1− 2m

r

)−1/2
. C omparing this with (2.8.1) we see that κ is approximately

the acceleration of a particle near the horizon as seen from infinity, a relation that
becomes exact at the surface of the hole at r = 2m. The quantity κ is therefore
equivalent to the N ewtonian acceleration due to gravity (“ g” ) which again justifies
calling it the surface gravity of the hole.
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2.9 O th er coord in ates

The Schwarzschild metric appears to be a viable metric, and a solution of E instein’s
equations, for r < 2m. H owever, in this region, the coordinate r is timelike and
the coordinate t spacelike! For example, for a body in the region r < 2m with
θ = constant, φ = constant, t = constant we have dτ 2 = g11dr

2 > 0 so a (non-zero)
dr is a timelike interval in this region. This means that a body in this region cannot
remain at constant r (since dr must be non-zero to make the worldline of the body
timelike). We shall see that it must fall into the singularity at r = 0. Furthermore,
since the metric coeffi cients depend on time, the metric within r = 2m is not static.

H owever, the connection between the space within r = 2m and outside r = 2m
cannot be examined in Schwarzschild coordinates, because the metric is invalid at
r = 2m. We say that there is a coordinate singularity at r = 2m, because the
problem turns out to be with the coordinate system, not with the physics. (A similar
problem occurs at the pole of a spherical polar coordinate system in E uclidean space,
where θ = 0, 0 ≤ φ ≤ 2π is not a circle, but a single point.) We can remedy this
by finding one or more alternative sets of coordinates that do not have a coordinate
singularity at r = 2m. We shall follow the historical development, introducing first
the two sets of E ddington– Finkelstein coordinates and then the K ruskal coordinates,
which cannot be expressed in elementary functions, but which have the advantage
that they cover the whole spacetime.

2 .9 .1 N ull coordinates

C onsider first Minkowski spacetime. On an outgoing light ray (r increasing as t
increases), u = t − r is a constant. D ifferent values of u label different light rays
according to the initial point (the value of r when t = 0). As usual for convenience
we use units with c = 1. Similarly, on ingoing rays the quantity v = t + r is a
constant, different values of the constant labeling different rays. Along an ingoing
ray u changes, so u labels points on an ingoing ray. C onversely v labels points on a
given outgoing ray. Because they label light rays the coordinates u and v are often
called null coordinates. We can use either u or v (or both) as an alternative ‘time’
coordinate. For example, making the transformation

t = v − r (2.43)

we get

dτ 2 = dv2 − 2dvdr − r2dω̃2.

U sing u and v as coordinates in the (r, t) plane, we have

dτ 2 = dudv − 1

4
(v − u)2dω̃2.
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2 .9 .2 E ddington–Finkelstein coordinates

To carry out the analogous transformation in Schwarzschild spacetime we need to
find the equation of a radial null ray. This is obtained by integrating dτ 2 = 0 for a
radial ray. We have from (2.8)

dt2 =
dr2

(
1− 2m

r

)2 = dr2
∗
, (2.44)

where we have defined the new radial coordinate r∗ in such a way that radial null
rays are d(t± r∗) = 0 or t± r∗ = constant. Integrating the second pair of equations
in E q. (2.44) we get

r∗ = r + 2m log

∣∣∣∣
r − 2m

2m

∣∣∣∣ . (2.45)

L et
v = t+ r∗.

We are going to use v as a time coordinate, replacing t. Substitution in the Schwarz-
schild metric gives

dτ 2 =

(
1− 2m

r

)
(dt2 − dr2

∗
)− r2dω̃2 (2.46)

=

(
1− 2m

r

)
dv2 − 2drdv − r2dω̃2. (2.47)

The final expression is the form of the Schwarzschild metric in ingoing E ddington-
Finkelstein coordinates. In this form the metric is non-singular at r = 2m, because
det(g) = −(2m)4 sin2 θ 6= 0. To plot the spacetime in a (t, r) plane we introduce the
new time coordinate corresponding to v and r,

t∗ = v − r

(compare (2.43)). Figure 5 shows the (t∗, r) plane extending from r = 0 to r = ∞.
In particular we can see what happens to the light cones as we approach r = 2m,
which is a non-singular surface in these coordinates. E ither from the figure, or from
the metric (2.47), we see that r = 2m, θ = constant, φ = constant is a null ray,
and that the surface r = 2m is generated by these null rays (for different values of θ
and φ).

2.1 0 In sid e th e black h ole

We are now in a position to consider the properties of the black hole inside the event
horizon. We can show that within the surface r = 2m all future pointing directions
point inwards to decreasing r. This means it is impossible to escape from within
the region r < 2m, since real bodies can travel only in timelike (or null) directions.
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observer

r = 0 r = rs

infalling
observer

stationary

Figure 2 Spacetime diagram in Eddington–Finkelstein coordinates showing an observer

falling towards a black hole.
Figure 5 Spacetime diagram in Eddington–Finkelstein coordinates showing an observer
falling towards a black hole.

The surface r = 2m therefore acts as a one-way membrane for matter and radiation:
nothing can escape into the surrounding spacetime. The surface r = 2m is the event
horizon, and the region r < 2m is a ‘black hole’.

To demonstrate this take the metric (2.47) and write it as

2drdv = −
[
dτ 2 −

(
1− 2m

r

)
dv2 + r2dω̃2

]
(2.48)

= −
[
dτ 2 +

(
2m

r
− 1

)
dv2 + r2dω̃2

]
. (2.49)

For a timelike or null displacement dτ 2 ≥ 0 so for r < 2m the sum of squares on the
right hand side is positive and the overall expression is negative. R ecall now that on
a radial null ray dv = d(t + r∗) = d(t∗ + r) = 0, and hence that a displacement dv
lies within the future light cone if dv > 0. So to make the left hand side negative
for a future-pointing displacement we have to have dr < 0. Thus a future-pointing
displacement is necessarily in an inward direction.

The event horizon cuts off all events within r = 2m from the outside world, so
an explorer who crosses the event horizon of a black hole can never return or signal his
experiences back to the outside world. A more pressing problem is that the observer
cannot avoid destruction at the singularity that lies in their future.
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2 .1 0.1 T he infalling observer

Our discussion of section 2.4.3 does not apply inside the black hole, because there
are no stationary observers there. We can however transform to infalling observers
outside the black hole and continue the results for these into the interior. This will
enable us to provide a picture of what the infalling observer sees approaching the
singularity.

L et the plunging observer fall from rest at infinity and denote his local frame
of reference by S. As before, his velocity with respect to a stationary observer is

v =

(
2m

r

)1/2

. (2.50)

L et the stationary observer’s local frame be S′. The angle of the incoming light ray
in this frame is ψ′; let the corresponding angle in the S-frame be ψ. The usual special
relativistic velocity transformation applies between the local frames, so

cosψ =
cosψ′ − v

1− v cosψ′
(2.51)

(recalling that we use c = 1). Thus cosψ < cosψ′ so ψ > ψ′: the observer in S sees
less of the sky as black.

U sing now our previous result (2.30) for cosψ′ we have

cosψ =

[
1−

(
1− 2m

r

)
b2

r2

]1/2

− v

1− v
[
1−

(
1− 2m

r

)
b2

r2

]1/2
. (2.52)

What happens to (2.52) as r → 2m? Inserting r = 2m directly gives an indeterminate
form. So we put r = 2m + δ and expand both numerator and denominator by the
binomial theorem for small δ to get

cosψ ' −
1− b2

4m2

1 + b2

4m2

.

The maximum value of b for which a ray can reach the horizon is again
√
27m, so

inserting this value of b gives

cosψm a x = −
23

31

or ψm a x = 138o. All rays up to this corresponding to smaller values of b can be seen.
E vidently the aberration formula (2.52) applies also inside the horizon. The

angle ψ varies smoothly as the horizon is crossed. So let us see what the plunging
observer sees at r = m and as r → 0. At r = m (2.52) together with (2.50) and
b =

√
27m gives cosψm a x = −0.598, or ψm a x = 127o. Thus the observer sees more of

the sky as black as he falls in.



5 0 S p h e ric a l B la ck H o le s

As r → 0 (2.52) gives

cosψ ∼ −
( r

2m

)1/2

(2.53)

independent of b. H ence in the limit all rays are seen at cosψ = 0, or ψ = π/2. As
the observer crashes into the singularity the outside world appears as a thin bright
ring.

Problem 3 0 D erive (2 .5 3 ) from equation (2 .5 2 ).

2.1 1 W h ite h oles

The E ddington– Finkelstein coordinates we used above were based on inward going
null rays that entered r = 2m in the future. It is natural to ask if we can make
a similar picture with outgoing rays by taking u = t − r∗ as the ‘time’ coordinate.
Straightforward substitution into the Schwarzschild metric gives

dτ 2 =

(
1− 2m

r

)
du2 + 2drdu− r2dω̃2.

This describes (part of) a spacetime which is the time-reverse of the black hole in
which all future-directed null or timelike paths emerge from r < 2m into the sur-
rounding space. This object is called a white hole. N ote that both black holes and
white holes are mathematical solutions of the vacuum E instein equations but that
does not mean they are both physical possibilities. We shall present arguments later
(chapter 6) to support the existence of black holes, but there is no evidence for the
existence of white holes.

2.1 2 K ru skal coord in ates

The E ddington– Finkelstein coordinates cover either the part of spacetime represent-
ing a black hole region or the part representing a white hole, but not both. It would
obviously be convenient to be able to look at both regions in the same picture. This
is made possible by yet another coordinate system, the K ruskal coordinates.

R eturn to the Schwarzschild metric in the form

dτ 2 =

(
1− 2m

r

)
(dt2 − dr2

∗
)− r2dω̃2

and write this in double null coordinates u and v as

dτ 2 =

(
1− 2m

r

)
dudv − r2dω̃2.

N ow define

U = − exp(−u/4m) (2.54)

V = exp(v/4m).
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This can be shown to lead to

dτ 2 =
32m3

r
exp(−r/2m)dUdV − r2dω̃2, (2.55)

where r is considered to be a function of U and V through

V U = − exp
(
v − u

4m

)
= − exp(r∗/2m),

since v − u = 2r∗. The K ruskal coordinates are (U, V, θ, φ). In K ruskal coordinates
light rays are represented by lines at 45o (with c = 1). 1

T

R

III

II

IV

past singularity

r=

future singularity

t=

r= const

const

0

I

U

V

Figure 1 Schwarzschild spacetime in Kruskal (U, V ) coordinates.Figure 6 Schwarzschild spacetime in K ruskal (U, V ) coordinates.

The metric (2.55) covers four regions as shown in Fig. 6. The two regions
r > 0 and r < 0 are separate asymptotically fl at universes. N ote the two singularities
at r = 0, one in the past and one in the future, which appeared separately in the
pictures of the two sets of E ddington– Finkelstein coordinates. Figure 7b shows the
surface of a collapsing star within which the metric would differ from the K ruskal
picture.

There is one aspect of the K ruskal picture that can be misleading. E ach point
in the plane represents a 2-sphere of that radius at that time. This is not the same as
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saying that either of the angles can be re-created by rotating the diagram about an
axis (which is how one often re-introduces an additional dimension). It is absolutely
not the case that one can get from region I to region II, even in principle, by moving
on a circle of constant φ! (And conversely, of course, rotation in E uclidean space in
spherical polar coordinates does not take one to a region of negative r.)

2 .1 2 .1 T he singularities at r = 0 and cosmic censorship

After falling through the event horizon a particle must continue to move to smaller
values of r. This can continue in principle until the particle approaches r = 0 where
the curvature becomes infinite. Any real body will suffer large tidal distortions as it
approaches r = 0 and will be destroyed. But what happens to our hypothetical point
particle? It reaches the edge of spacetime beyond which the theory has nothing to
say. This is a true physical singularity, unlike the coordinate singularity at r = 2m.

To a certain extent it is a harmless singularity as far as physics in the outside
world is concerned. This is because the unpredictability is hidden behind an event
horizon and does not affect the black hole exterior. The white hole singularity at
r = 0 in the past is a different matter. H ere any unpredictability emerges into
the surrounding spacetime making physics impossible. (Because, for example, any
detection of a particle can be attributed to its emergence from the singularity rather
than having to have a prior cause within the physical universe.) Thus the white hole
singularity is ‘naked’.

We shall see further examples of naked singularities later. The cosmic censor-
ship hypothesis (put forward by Penrose) seeks to make naked singularities illegal as
far as ‘normal’ physics is concerned by proposing that naked singularities cannot form
from normal matter. There is no proof of this conjecture, but attempts to violate
it have only helped to frame it more precisely. For the present, we observe that the
formation of a black hole by the collapse of matter is not a time-symmetric process
and leads to a black hole without the associated white hole.

2 .1 2 .2 T he spacetime of a collapsing star

Figure 7 shows how the collapse of a sphere of matter to a singularity at r = 0 can
be represented in (a) E ddington– Finkelstein coordinates and (b) K ruskal coordinates
respectively. N ote that within r = 2m the E ddington– Finkelstein space and time
coordinates (t, r∗) swap roles so the singularity at r∗ = r = 0 occurs at a constant
‘time’ and is therefore spacelike, despite what the picture appears to show at first
glance! This is clearly represented in the K ruskal picture. N ote also that the white
hole region has disappeared to be replaced by a solution of the field equations for the
interior of the star. Although we make no attempt to find an interior solution, the
pictures are drawn under the (correct) assumption that, prior to the final collapse,
the interior will be a regular spacetime with a decreasing curvature as we go through
the star towards r = 0.
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3

r = 0 singularity

r = 0

I

III
r = 2m

stellar surface

light cones

ingoing light rays

outgoing light rays

event horizon

VU

stellar surface

Figure 3 The spacetime of a collapsing star in (a) Eddington–Finkelstein coordinates
and (b) Kruskal coordinates.

Figure 7 T he spacetime of a collapsing star in (a) Eddington–Finkelstein coordinates
and (b) K ruskal coordinates.

2.1 3 E mbed d in g d iag rams

The geometrical image of a cylinder as the surface of a tube is highly misleading
in many respects. Intrinsically the cylinder has the geometry of fl at space. The
curvature one ‘sees’ when it is represented as a surface in three dimensional space
comes from the embedding (the extrinsic geometry) of a 2-surface in three dimensional
space. N evertheless, the embedding picture of the cylinder does help to inform our
feeling for what the geometry is like. To get some feel for the global geometry of
the Schwarzschild black hole we can try to represent aspects of it by embeddings in
three-space in a similar way.

To do this of course, we have to suppress all but two dimensions. L et us look
at the spaces of constant time and also suppress one of the angular coordinates, by
putting, say, θ = π/2. The metric is

dl2 =

(
1− 2m

r

)−1

dr2 + r2dφ2.
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The metric of the E uclidean embedding space is

dl2 = dz2 + dr2 + r2dφ2,

which on z = z(r) becomes

dl2 = (1 + z′2)dr2 + r2dφ2,

where z′ = dz/dr. These are the same if

z = 2(2m)1/2(r − 2m)1/2. (2.56)

This gives the surface in Fig. 8.

Figure 8 A plot of eq uation (2 .56) showing the embedding surface with the same
geometry as Schwarzschild in the r − φ plane.

This is the way in which black holes are customarily represented in popular
literature. Since the Schwarzschild coordinates are not valid for r = 2m we cannot
follow the geometry further in by this means. If we look at the K ruskal picture
however we see that through the bifurcation point at the origin the two Schwarzschild
regions join together. For this cross-section (such as the one labelled t = constant in
Fig. 6 we get the E instein-R osen bridge as the embedding diagram, Fig. 9.

Although we cannot show it here, the only difference between this and a general
section through the K ruskal metric, such as the one labelled (U + V ) = const. in
Fig. 6, is that the throat region is extended and narrower, and breaks into two separate
pieces if the section intersects r = 0.
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Figure 9 T he Einstein–R osen B ridge.

The two regions below and above the throat in Fig. 9 are two separate asymp-
totically fl at universes. One might anticipate the possibility of travelling through the
throat from one to the other. H owever, a glance at the full K ruskal picture shows
that any attempt must end up in the singularity. In effect, the throat closes off faster
than an observer can travel through it. On the other hand, it is not hard to imagine
a picture in which the throat would connect two parts of the same U niverse, in which
case we have a wormhole. (See chapter 5.)

2.1 4 A symp totic fl atn ess

Far enough away from the central source of gravity the Schwarzschild spacetime
approximates to Minkowski spacetime. Subject to certain technical definitions of
what we mean by ‘approximates to’ such spacetimes are called asymptotically fl at.
For such spacetimes we can get what is sometimes a useful global picture of the causal
structure (i.e. of which events can be causally connected) by using the Penrose– C arter
diagrams. These make it possible to draw pictures of what is happening at infinity, by
changing the coordinates to bring infinity to a finite coordinate value. This distortion
is carried out in such a way that the relationship between light rays is maintained.
We say that these diagrams show the causal structure of spacetimes (but clearly not
their metric structure, since infinity is in the wrong place).
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To see what this means consider the transformation from the L orentz ian
coordinates (t, r, θ, φ) to new coordinates (ψ, ξ, θ, φ) where

t =
1

2

(
tan

1

2
(ψ + ξ) + tan

1

2
(ψ − ξ)

)
(2.57)

r =
1

2

(
tan

1

2
(ψ + ξ)− tan

1

2
(ψ − ξ)

)
.

The Minkowski metric becomes

dτ 2 = Ω−2[dψ2 − dξ2 − sin2 ξ(dθ2 + sin2 θdφ2)] = Ω−2dτ̃ 2,

where Ω = 2 cos 1

2
(ψ + ξ) cos 1

2
(ψ − ξ). N eglecting the overall factor Ω we get a new

metric dτ̃ 2 which has the same light paths as dτ 2 (because the vanishing of one implies
and is implied by the vanishing of the other). The replacement of the metric dτ 2 by
the metric dτ̃ 2 is called a conformal transformation, with conformal factor Ω.1

spacelike surface

future timelike infinity I
+

future null infinity I
+

spacelike infinity I
0

past timelike infinity I
−

past null infinity I
−

outgoing light ray

ingoing light ray

timelike path

Figure 1 Asymptotic structure of Minkowski spacetime shown in a Penrose-Carter

diagram.
Figure 1 0 Asymptotic structure of M inkowski spacetime shown in a Penrose–C arter
diagram.

The geometry of dτ̃ 2 is shown in Fig. 10. L ight rays begin in the past at I
−

and end at I
+ (the lines ψ + ξ = π and ψ + ξ = −π). These boundaries therefore

represent light-like infinity. Causal relationships are respected by the transformations.
Nevertheless, the paths of massive particles in the two metrics are not the same. All
timelike paths in dτ̃ 2 start from I− and end at I+. Arranging that a finite range
(−π, π) of the new coordinates ψ and ξ cover an infinite range of the original (t, r)
coordinates in (2.57), and making the conformal transformation, enables us to form
a finite picture of an infinite spacetime. Such pictures are called Penrose or Penrose–
Carter diagrams. In the next section we consider the Penrose–Carter diagram for
Schwarzschild spacetime.
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I
−

r = 0

r = 0

r = 2m

III

II

IV

I

ingoing light ray

I +

I −

I
+

I
+

I −

I +

I
0

I
0

V = const.

outgoing light ray
U = const.

I
−

Figure 2 Penrose-Carter diagram of the Kruskal spacetime showing the asymptotic

structure. Outgoing light rays end at null infinity on I
+ and incoming rays begin at null

infinity on I
−

. Spacelike infinity is denoted I
0 and timelike future and past infinity I

+

and Ī
− respectively. Light rays are given by U = constant and V = constant.

Figure 11 Penrose–Carter diagram of the Kruskal spacetime showing the asymptotic

structure. Outgoing light rays end at null infinity on I+ and incoming rays begin at null

infinity on I−. Spacelike infinity is denoted I0 and timelike future and past infinity I+

and Ī− respectively. Light rays are given by U = constant and V = constant.

2.14.1 The Penrose–Carter diagram for the Schwarzschild metric

O ur extension of the spacetime has taken us from the exterior region covered by the
Schwarzschild coordinates to the ‘whole’ spacetime covered by the K ruskal coordi-
nates. Although we have not proved it, in fact no further extensions are possible. We
can put this together with a further conformal transformation that has no eff ect near
the horizon, but which brings infinity to a finite distance. This provides us with a
Penrose–Carter diagram of the black hole and allows us to picture its causal structure
(Fig. 11).

The figure gives a view of the (U, V ) plane.

2.14.2 The Penrose–Carter diagram for the Newtonian metric

O ut of interest we can give a similar treatment for the Newtonian metric. The picture
at infinity is the same as that for fl at spacetime, but we need new coordinates to look
at r = 2m. Confining ourselves to the (t, r) plane we put

dr = ±
(

1− 2m

r

)1/2

dR.

Then

dτ 2 =

(
1− 2m

r

)
(dt2 − dR2).

The metric dτ̃ 2 = dτ 2/(1−2m/r) = dt2−dR2 is therefore fl at. Near r = 2m we have

R ∼ 2
√

2m(r − 2m)1/2,
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so r = 2m corresponds to R = 0. The metric is singular at R = 0, because r < 2m
clearly does not yield a L orentzian metric. (O f course, near r = 2m the Newtonian
metric is not a physical gravitational field, because it is not even an approximate
solution to E instein’s eq uations, but that does not stop us from considering the
spacetime geometry to which is corresponds.)

2.15 Non-isolated black holes

There are several distinct concepts that coalesce in the Schwarzschild black hole, but
which are diff erent in general for black holes in a non-empty environment, for example
for a black hole accreting material from the surrounding medium. In general we have
to distinguish the following: the infinite redshift surface, the event horizon and the
apparent horizon.

2.15 .1 The infi nite redshift su rface

The surface defined by g00 = 0 has an infinite redshift to an external observer. To
determine if a point belongs to the infinite redshift surface req uires a knowledge of
the metric just at that point, so this surface is a local construction. Thus it will not
necessarily coincide with the event horizon in general.

2.15 .2 Trap ped su rfaces

Consider a two dimensional spacelike surface and imagine that it emits a fl ash of
light. A lightfront moves normal to the surface inwards and outwards. U nder normal
circumstances the area of the inward moving lightfront decreases and that of the
outward moving one increases. E q uivalently, the inward normals to the inward moving
light front converge and the outward normals to the outward moving front diverge.

H owever, if we repeat this experiment inside a black hole, both sets of normals
converge (Fig. 12). O ur two dimensional spacelike surface is said to be trapped.

2.15 .3 A p parent horizon

The outermost trapped surface is the apparent horizon. In the vacuum Schwarzschild
solution this is the surface r = 2m. H owever, the apparent event horizon is clearly a lo-
cal construction (you can measure the convergence or divergence locally), whereas the
(‘true’) event horizon is a global property: it depends on constructing null geodesics
to determine whether they reach infinity or not, which cannot be judged from the
local behaviour.

For a concrete example consider a black hole accreting a spherical shell of
matter (Frolov and Novikov, 19 9 8 ). A light ray which was heading to infinity before
the infall of the shell is subject to a stronger gravitational field after the matter
is accreted, so may not in fact escape to infinity. Thus the original ray is part of
the event horizon even though it was not initially trapped. The apparent horizon
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dimensional
spacelike surface
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Figure 2 Both outgoing and ingoing wavefronts from a trapped surface converge. The

trapped surface is inside a black hole formed by collapse.Figure 12 B oth outgoing and ingoing wavefronts from a trapped surface converge. T he

trapped surface is inside a black hole formed by collapse.

therefore lies inside the event horizon. O ne can show that this is a general feature of
the two horizons.

2.16 T he m em brane p aradig m

Although the event horizon is not a physical boundary (and is locally undetectable)
it is intuitively convenient to think of a black hole as a physical object, endowed with
physical properties that encode its relation to the external world. To do this rigor-
ously, we imagine the black hole surrounded by a membrane to which are attributed
appropriate physical properties. This is the so-called ‘membrane paradigm’ (Thorne
et al., 19 8 6 ). For example, to express the infl uence of a black hole on external electro-
magnetic fields the membrane is endowed with a surface resistivity allowing charges
and currents to terminate electric and magnetic field lines. Similarly, to account for
the deformations of a black hole in the presence of, for example, an orbiting planet,
the membrane can be given certain elastic properties. Normal physical bodies have
timelike surfaces. The membrane is therefore chosen not to be coincident with the
horizon, which is a null surface, but as a timelike surface just outside the horizon. The
black hole can then be thought of from the outside as a normal body in spacetime.
This approach works not only for Schwarzschild black holes but also for the more
general vacuum black holes of the next chapter, and also for black holes in general,
which we do not consider here. The details are beyond the scope of this book but
can be found in Thorne et al. (19 8 6 ).


